We present the results of a global three-dimensional magnetohydrodynamics simulation of an accretion disk with a rotating, weakly magnetized central star. The disk is threaded by a weak large-scale poloidal magnetic field, and the central star has no strong stellar magnetosphere initially. Our simulation investigates the structure of the accretion flows from a turbulent accretion disk onto the star. The simulation reveals that fast accretion onto the star at high latitudes occurs even without a stellar magnetosphere. We find that the failed disk wind becomes the fast, highlatitude accretion as a result of angular momentum exchange like the magneto-rotational instability (MRI) well above the disk, where the Lorentz force that decelerates the rotational motion of gas can be comparable to the centrifugal force. Unlike the classical magnetospheric accretion scenario, fast accretion streams are not guided by magnetic fields of the stellar magnetosphere. Nevertheless, the accretion velocity reaches the free-fall velocity at the stellar surface due to the efficient angular momentum loss at a distant place from the star. This study provides a possible explanation why Herbig Ae/Be stars whose magnetic fields are generally not strong enough to form magnetospheres also show indications of fast accretion. A magnetically-driven jet is not formed from the disk in our model. The differential rotation cannot generate sufficiently strong magnetic fields for the jet acceleration, because the Parker instability interrupts the field amplification.
INTRODUCTION
Accretion disks are common and fundamental objects in various kinds of astrophysical systems. Circumstellar or protoplanetary disks are formed as a natural consequence of star formation (Shu et al. 1987; McKee & Ostriker 2007) . The disks play roles in feeding central stars (e.g. Shakura & Sunyaev 1973; Lynden-Bell & Pringle 1974; Tomida et al. 2017) , controlling the stellar angular momentum Hirose et al. 1997; Matt & Pudritz 2005) , and forming planets (Hayashi 1981; Rice et al. 2005; Machida et al. 2011; Tsukamoto et al. 2015) . Those disks are considered as a driver of jets and outflows (Uchida & Shibata 1985; Tomisaka 2002; Fendt & Cemeljic 2002; Pudritz et al. 2007 ). Accretion processes and acceleration mechanisms of the outflows and jets have also been extensively discussed for accretion disks around compact objects such as black holes and neutron stars (Blandford & Payne 1982; Hawley et al. 2015) .
It is well known that accretion process strongly depends on a magnetic field. If a sufficiently ionized disk is threaded by a weak magnetic field, the disk will be turbulent through the magneto-rotational instability (MRI ; Velikhov 1959; Chandrasekhar 1961; Balbus & Hawley 1991) . The MRI-driven turbulence is believed to be the major angular momentum exchange mechanism for driving accretion in various kinds of astrophysical disks. Also, a large-scale magnetic field can remove the energy and angular momentum from the disk in the form of jets, outflows, and winds (Blandford & Payne 1982; Pudritz & Norman 1986; Shibata & Uchida 1986) , which can result in accretion in the disk. It has been discussed that the inner disk will be truncated and warped when the disk interacts with a strongly magnetized central object (e.g. classical T-Tauri stars (CTTSs), neutron stars; Ghosh & Lamb 1979; Koenigl 1991) .
A classical picture of accretion onto protostars and pre-main-sequence stars is as follows. In the early stage of the accretion phase, the disk extends to the central star and accretes materials to the star in a quiet manner (so-called boundary layer accretion; Popham et al. 1993; Kley & Lin 1996) . However, as the star evolves, the star may develop a magnetosphere at some time possibly as a result of the stellar dynamo. As a consequence, the accretion streams are guided by the magnetic field lines of the magnetosphere (Ghosh & Lamb 1979; Uchida & Shibata 1984; Camenzind 1990; Koenigl 1991) . This "magnetospheric accretion," originally proposed for accreting neutron stars (Ghosh & Lamb 1979) , is believed to be a common accretion type for T-Tauri stars (Bouvier et al. 2007; Hartmann et al. 2016) . The magnetospheric accretion model predicts nearly free-fall accretion to high-latitudes (near the magnetic poles). The regulation of the stellar angular momentum is tightly related to the star-disk interaction via magnetic fields (e.g. Shu et al. 1994; Matt & Pudritz 2005) . Quasi-periodic accretion bursts seen in neutron stars and white dwarfs (WDs) may also be controlled by the magnetospheres (Spruit & Taam 1993; Scaringi et al. 2017) .
Magnetospheric accretion has been widely considered as the most promising accretion model for CTTSs. Hartmann et al. (1994) argued that the commonly observed inverse P Cygni profile with redshifted absorptions reaching several hundred km s −1 (close to the escape velocity) is evidence of fast falling materials. Calvet & Gullbring (1998) theoretically investigated the emission from the accretion column which impacts on the stellar surface, and demonstrated that the modeled spectrum agrees with the observed spectra of UV that is emitted from the shocked region. Strong stellar magnetic fields on the order of kG, required for the magnetospheric accretion, are also observed (Johns-Krull et al. 1999; . Magnetohydrodynamic (MHD) simulations on magnetospheric accretion have been performed extensively (e.g. Miller & Stone 1997; Romanova et al. 2009; Zanni & Ferreira 2013) . Association with X-ray flaring activities and jet acceleration has been also discussed (Hayashi et al. 1996; Hirose et al. 1997; Goodson et al. 1999) .
However, we still lack direct evidence of magnetospheric accretion, and most of the observational supports rely on the existence of fast accretion. Observations of CTTSs have not clearly support the scaling relations predicted by the magnetospheric accretion scenario (Johns-Krull & Gafford 2002) . Most of Herbig Ae/Be stars (HAeBes) do not seem to have strong magnetics fields required to develop the stellar magnetospheres. The fraction of strongly magnetized ( 100 G) HAeBe stars is only 10 % (Wade et al. 2007 ). Nevertheless, very weakly magnetized HAeBe stars also show fast accretion (Cauley & Johns-Krull 2014) . The accretion signatures are not clearly different between strongly magnetized and very weakly magnetized HAeBe stars (Reiter et al. 2017) . These observations pose a question on the applicability of the magnetospheric accretion scenario particularly to HAeBe stars.
The accretion structure is important not only for the stellar evolution but also for the disk evolution. Accretion streams and/or a warped inner disk can screen out the stellar radiation to the outer disk. This screening effect has impact particularly on the accretion structure by changing the ionization degree in cold disks such as protoplanetary disks where non-ideal MHD effects are significant (e.g. Sano et al. 2000; Sano & Stone 2002; Simon et al. 2015; Béthune et al. 2017; Bai & Stone 2017; Suriano et al. 2017) . The disk dispersal driven by the photoevaporation wind (Hollenbach et al. 1994; Owen et al. 2011; Alexander et al. 2014 ) could also be influenced by the screening effect. Optical and infra-red observations of accreting CTTSs present many fading events caused by occultation of the stars (Bouvier et al. 1999; Cody et al. 2014; Stauffer et al. 2014) .
Since the accretion process is a nonlinear three-dimensional (3D) process in which magnetic fields play important roles, we need 3D MHD simulations for understanding the accretion structure. Most of the previous 3D MHD simulations of the star-disk interaction have been performed on the basis of the magnetospheric accretion scenario (Romanova et al. , 2011 . However, it is still unreloved when and how stars develop their own stable magnetospheres during their evolution. When the stellar magnetic field strength is moderate, the accreting materials will gradually penetrate into the stellar magnetosphere in a fragmented form (Stehle & Spruit 2001; Blinova et al. 2016) , in which case the accretion speed will be significantly smaller than the escape velocity. Therefore, it remains unclear if the magnetospheric accretion is a unique solution that realizes a fast accretion at high-latitudes, particularly for stars with weak magnetic fields.
In this study we investigate the accretion from a MRI turbulent disk to a central star without a stellar magnetosphere. This situation is rather simpler than the case of a typical magnetospheric accretion, and is very relevant to accreting stars with a weak magnetic field like HAeBes. This paper is organized as follows. We will briefly describe our numerical setup and the method of data analysis in Section 2. A more detailed information will be given in Appendix. Section 3 will show our numerical results of the magnetic field and the accretion structures around the star. In Section 4, we will compare our results with previous studies and discuss implication for protoplanetary disks. Section 5 summarizes our findings.
NUMERICAL SETUP

Method, and Initial and Boundary Conditions
Here we give a brief description of our numerical method, and initial and boundary conditions. A more detailed explanation is given in Appendix.
We solve the three-dimensional magnetohydrodynamic (MHD) equations in a conservative form using Athena++ (Stone, Tomida, & White, in prep.) in order to simulate the accretion from a disk to a rotating central star. We use the second-order piecewise linear reconstruction method, the HLLD approximate Riemann solver (Miyoshi & Kusano 2005) and the Constrained Transport method (Stone & Gardiner 2009 ) to update the MHD equations. We include a simplified radiative cooling term for the disk material in the energy equation in order to prevent a significant increase in the disk temperature due to viscous heating and to obtain a quasi-steady state for the disk with the initial temperature profile.
The initial condition is based on a self-similar, axisymmetric hydrostatic gas distribution consisting of a cold disk and a hot outer atmosphere. We give an hourglass-shaped poloidal magnetic field to the initial atmosphere. The temperature, density, and magnetic field strength profiles on the disk midplane are given so that the sound speed and the Alfvén speed scale as the Keplerian velocity. We assume this self-similarity to simplify the initial condition as much as possible. The initial plasma β on the midplane is constant with radius and set to 10 4 . The outer boundary condition is an outgoing boundary at which the inward radial velocity is set to zero. The inner boundary condition, which represents the stellar "surface", needs to be set with great care, because the inner boundary can be easily numerically unstable due to e.g. the emergence of very low plasma β regions and the collision of supersonic accretion streams if any. We should therefore construct a numerically stable inner boundary condition which is physically plausible as well.
Our stellar surface model is constructed to satisfy the following requirements: 1. the stellar surface should be rigid in the sense that the falling material cannot freely penetrate into the stellar interior, 2. the accreting material will be absorbed by the star eventually but gradually, and 3. the (thermally-driven) stellar wind blows from the hot stellar corona. Note that a simple reflecting boundary condition is inappropriate because the accreting material continue to accumulate around the star. The accumulation leads to the formation of an expanding dense stellar atmosphere, which observations do not support. We include the hot stellar corona because it is commonly observed toward young stars: for CTTSs, see e.g. Feigelson & Decampli (1981) ; Preibisch et al. (2005) and for HAeBes, see e.g. Hamaguchi et al. (2005) . To meet the above requirements, we define a so-called damping layer as a thin spherical shell around the actual inner boundary. Physical quantities such as the density and velocity are controlled in the damping layer smoothly with space and time. In terms of the kinematics, the damping layer can be regarded as a viscous layer which connects the rotating star with the outer region. The damping layer physically corresponds to the bottom region of the stellar corona. Hereafter, we refer the surface of the damping layer as the "stellar surface," although the stellar surface usually means the stellar photosphere.
The inner boundary condition is as follows. The azimuthal velocity component at the inner boundary (including the damping layer) is fixed to this stellar rotation velocity. The star is rotating at an angular velocity of Ω * about the pole. The corotation radius is set to 3R * , and the resulting Ω star is GM/27R 3 * , where R * is the stellar radius. The radial and latitudinal velocity components are set to zero. The magnetic fields in the ghost zones are fixed with time.
We use spherical polar coordinates (r, θ, φ) to model the accretion disk around the rotating star. The full solid angle 4π is covered, which prevents the loss of a poloidal magnetic field from the polar boundaries. The simulation domain is (0.91R * , 0, 0) ≤ (r, θ, φ) ≤ (60R * , π, 2π). The cell sizes in the radial direction gradually increase so that the cell aspect ratio remains close to unity. We use static mesh refinement to capture MRI-driven turbulence in the disk. The simulation domain is resolved with 120 × 120 × 64 grid cells at the root level (level 0). The refinement level increases towards the inner disk midplane, and the maximum level is 2. The typical resolution near the midplane is approximately 0.014R * at r = R * , which corresponds to 10 cells per local pressure scale height. The initial density distribution and magnetic field structure are shown in the left panel of Figure 1 . The right panel displays the mesh structure.
Normalization Units
The length unit is taken to be the stellar radius R * . The fiducial velocity is the Keplerian velocity on the stellar surface v K0 = (GM * /R * ) 1/2 , where G is the gravitational constant, and M * is the stellar mass. These quantities are used to calculate the other quantities such as the fiducial units of time t 0 and magnetic field strength B 0 . Normalization units and representative physical values are summarized in Table 1 . In the following, we often use time normalized by the Keplerian orbital period at R = R * , t K0 = 2πt 0 , for convenience. 1.7 × 10 −10 g cm −3
1.2 × 10 −9 g cm −3
Magnetic Field Strength B0 = √ 4πρ0vK0 1 × 10 3 G 2.2 × 10 3 G 6.2 × 10 4 G Mass accretion rateṀ0 = ρ0L 
Data Analysis and Averaging Quantities
In our analysis we sometimes use cylindrical coordinates (R, φ, z), although our simulation is performed in spherical coordinates (r, θ, φ) .
For quantitative analysis, we use physical quantities averaged in the azimuthal and temporal directions. We perform averaging operation following Suzuki & Inutsuka (2014) . For variables regarding magnetic fields such as magnetic energy, we take the simple average as follows:
where A is a physical quantity, and we take the temporal average from t = t 1 to t 2 . For variables regarding velocity such as the flow speed, we conduct the density-weighted average in the following manner:
We compare physical quantities in the midplane and around the disk surface to investigate the vertical disk structure. We define the disk surface as the height |z| = 2H p from the midplane, since previous studies indicate that the vertical disk structure changes significantly at this height (e.g. Suzuki & Inutsuka 2009; Bai & Stone 2013 ). In our study, one pressure scale height corresponds to the angle of approximately 8
• (H p /R ≈ 0.14). We note that this thickness of our disk could be too large for actual disks for CTTSs and HAeBes. For example, when a HAeBe has the stellar mass of 3M ⊙ and the disk temperature at the r = 5R * is 10 4 K, H p /R ≈ 0.06 at this radius. We use that thick disk model to numerically resolve MRI. For the analysis of the radial dependence, we average quantities around the midplane and disk surface. The average is performed in the θ-domain of |z| < H p for the midplane region, and the domain of H p < |z| < 3H p for the disk surface region.
NUMERICAL RESULTS
Overview
We run the simulation until t = 300t K0 , which corresponds to approximately 27 orbits at r = 5. A quasi-steady state is achieved within r ≈ 5. We first describe the global structures of the magnetic field and the plasma flow. Figure 2 shows the temporally and azimuthally averaged radial velocity normalized by the local escape velocity. The arrows in the left panel and the lines with arrows in the right panel indicate the direction of the averaged poloidal velocity (their length does not reflect the absolute value) and averaged poloidal magnetic field lines, respectively. The time-average is performed between the times of t = 250t K0 and 300t K0 . A weak wind is driven from the disk. Since the speed is smaller than the escape velocity, the wind is still gravitationally bound in the calculation domain. Strong outflows around the two poles are the thermally-driven stellar wind. Magnetic fields above the disk are highly fluctuating, while magnetic fields around the poles are more coherent. Figure 3 displays the snapshots of the density, the plasma β, the radial velocity, and the specific angular momentum at t = 283t K0 within r = 6. MRI is developing in the disk from the inner part, making the disk turbulent. The plasma β map clearly shows that not only the disk but also the disk atmosphere is highly fluctuating. In addition, the plasma β is larger than unity even well above the disk. The disk extends to the stellar surface since the central star in this model does not have a stellar magnetosphere which truncates the inner disk.
Another noticeable feature in Figure 3 is the fast accretion flows to the high-latitude regions of the central star (see the radial velocity map). The speed is close to the Keplerian velocity at the stellar surface. The fast, high-latitude accretion is established even without a stellar magnetosphere. On the basis of morphological similarity to funnel-wall jets seen in simulations of black hole accretion disks (e.g. Hawley & Balbus 2002) , we call it the funnel-wall accretion. Vigorous accretion flows around the disk surface are observed, but the funnel-wall accretion flows are distinct from the disk surface accretion flows. The specific angular momentum map exhibits that the materials of the funnel-wall accretion flows have much smaller angular momenta than those in the disk at the same cylindrical radius. In our normalization units, the plasma with the specific angular momentum smaller than unity can fall onto the stellar surface (a detailed analysis will be given in Section 3.4.3). The disk surface accretion speed is much smaller than the Keplerian velocity. The funnel-wall accretion is highly time-variable, but persistent. We will investigate this accretion in more detail later. . From left to right, snapshots of the density, the plasma β, the radial velocity, and the specific angular momentum at t = 283tK0 near the star (within r = 6). All the quantities are averaged in the azimuthal direction. Note that the polar outflows correspond to the thermally-driven stellar winds. The accretion rate as a function of radius is shown in the top panel of Figure 4 . The plot suggests that the inner part accretes and the outer part moves outward, and that the location dividing the inward and outward flows moves outward, which seem to follow the time evolution of the self-semilar solution of the standard accretion disk (Lynden-Bell & Pringle 1974) . However, we cautiously note that in our simulation the disk mass is partially lost via outflows and turbulence is still developing in the disk. These effects are not considered in the self-similar solution, and therefore we cannot directly compare the top panel of Figure 4 to it in a quantitative sense. The surface density profile becomes flat, which is similar to the result of the previous study by Suzuki & Inutsuka (2014) . Since the accretion rate is almost constant within r ≈ 5, the inner part within this radius reaches a quasi-steady state.
Vertical Disk Structure
We investigate the vertical structure of the disk. Figure 5 exhibits the vertical profiles of physical quantities. The horizontal axis denotes the height from the disk midplane normalized by the pressure scale height defined at the midplane,
, where c s,mid (R) is the sound speed at the midplane and Ω K (R) is the angular velocity of the Keplerian motion at the cylindrical radius R. In the top left panel, the density profile (solid) deviates from a Gaussian profile (dotted) around z = 2H p . The plasma β falls from the midplane toward that height, but remains within 1 to 10 above the height. The vertical velocity profile in the top right panel indicates that disk materials are lifted from the disk surface, suggesting that this mass loading contributes to the deviation of the density profile from a Gaussian profile. The bottom left panel shows that the temperature in the upper atmosphere does not decrease from the initial value, although cool materials are lifted from the disk. This suggest that the heating by turbulent dissipation takes place in the upper atmosphere (Io & Suzuki 2014) . The temperature in the disk is maintained at the initial value by the adopted radiative cooling effect. The bottom right panel shows the three components of the magnetic energy. The toroidal field B φ is the most dominant component among the three magnetic field components, as commonly seen in simulations of magnetized disks. The second-largest field component is B R , followed by B z . The field amplification mainly occurs at |z| 2H p .
The plasma β is still larger than unity above the disk surface (z 2H p ), and has a flatter profile there. We note that previous global simulations covering a limited θ domain showed a much lower plasma β near the θ boundaries (Suzuki & Inutsuka 2014) , although their models assume a weak disk magnetic field (e.g. in Suzuki & Inutsuka (2014) , β = 10 5 ). In a case with the polar boundaries near the disk surface, the disk materials which go through the boundaries are extracted from the simulation domain even though they are gravitationally bound. Therefore, the atmosphere near the polar boundaries tends to have an artificially low density and low-β in such a case. This artificial mass extraction does not occur in our simulation which covers a solid angle of 4π. We consider that this setting results in a higher plasma β in the upper atmosphere.
The lifting of the disk material due to MRI turbulence corresponds to the MRI-driven disk wind (Suzuki & Inutsuka 2009 Flock et al. 2011; Fromang et al. 2013; Bai & Stone 2013) . The launching height (∼ 2H p , see the bottom left panel in Figure 5 ) is consistent with the previous studies. To investigate the driving process, we analyze energy transfer in the vertical direction shown in Figure 6 . We define v ⊥ = (v R , v φ ) and B ⊥ = (B R , B φ ) as the velocity and magnetic field vectors perpendicular to the z-direction, respectively. We consider the Poynting flux due to magnetic tension ((v ⊥ · B ⊥ )B z /4π), the Poynting flux due to the advection of the magnetic energy (B 2 ⊥ v z /4π), the power done by the pressure (pv z ), and the energy flux of sound waves (δρδv z c 2 s ). δρ = ρ − ρ t,φ and δv z = v z − v z t,φ , where the time average is performed between t = 250t K0 and 300t K0 .
The left panel of Figure 6 displays that the magnetic tension term is dominant among them above the disk. Therefore, we conclude that the weak disk wind is driven by the magnetic tension. The advection of the magnetic energy is much smaller than the magnetic tension, which is different from the result of Suzuki & Inutsuka (2009) in a quantitative sense.
The magnetic tension term is decomposed into the turbulent and coherent components in the right panel of Figure 6 . The coherent component is defined as
and the turbulent component as
The figure indicates that the turbulent component mainly carries the energy to the upper atmosphere. From this fact, the disk wind is driven by the turbulence, and therefore it is the MRI-driven wind. This wind supplies materials to the upper atmosphere. The different kinds of forces which determine the vertical stratification are displayed in Figure 7 . The figure shows the gas pressure gradient, the magnetic pressure gradient associated with B φ , the dynamic pressure gradient ∂( ρv 2 z t,φ )/∂z, the Reynolds stress R −1 ∂(R ρv R v z t,φ )/∂R, the gravitational force, and the total force in the vertical direction at R = 5. Since the total force is much smaller than the gravitational force, the disk and the atmosphere are almost hydrostatic. As shown in the top panel, the gravitational and the pressure gradient forces are the most dominant terms around the midplane and almost balanced. However, as expected from Figures 5 and 6, the magnetic pressure gradient becomes important above the disk surface. The bottom panel is the same as the top panel but with a much smaller range of the vertical axis. The dynamic pressure gradient force and the Reynolds stress in the vertical direction are negligible. The dynamic pressure is much less important than the gas pressure because the MRI-driven wind is subsonic ( Figure 5 ).
The mass accretion actively operates near and above the disk surface. Figure 8 shows the latitudinal distributions of the temporally and azimuthally averaged mass flux, radial velocity, and density, measured at the spherical radius of 3. One will notice that the incoming mass flux near the disk surface is comparable to that around the midplane. Note that the ratio of the initial pressure scale height to the radius (H p /r) is ∼ 0.14, which corresponds to ∼ 8
• . The height z = 2H p is therefore approximately ±16
• from the midplane. A similar surface layer accretion structure is also seen in previous studies (e.g. Suzuki & Inutsuka 2014; Zhu & Stone 2017) . A large accretion speed above the disk (approximately ±40
• ) indicates the funnel-wall accretion. While the accretion speed is higher in the funnel-wall accretion, the mass flux (accretion rate) is lower than in the disk and surface accretion because of its low density. Figure 9 compares the accretion velocity (top panels) and so-called α-parameter due to the Maxwell stress (bottom panels) around the midplane and disk surface. The α-parameters due to the Rφ-and φz-components of the Maxwell stress are written as α m Rφ = − B R B φ t,φ /4π p t,φ and α m φz = − B φ B z t,φ /4π p t,φ , respectively. The accretion speed is much larger around the disk surface than around the midplane. The difference in magnitude of the α-parameter between the midplane and the surface accounts for the difference of the accretion speed. The larger α around the disk surface is a result of a flatter profile of the magnetic energy distribution than the density/pressure profiles (see Figure 5 ).
The bottom panels of Figure 9 show that α m φz is much smaller than α m Rφ even around the disk surface, which means that the angular momentum loss by the disk wind is unimportant in this case. The reason for this arises from both our initial condition and the characteristics of the MRI-driven wind. The initial disk field strength is assumed to be weak (β = 10 4 ) and the disk gas extends well above the disk due to the MRI-driven wind. As a result, the Alfvén Mach number, defined by the ratio of the poloidal velocity v pol to the poloidal Alfvén velocity v A,pol , is comparable to or larger than unity even around the disk (see Figure 10 ). For this reason, a magnetic field cannot behave as a rigid wire nor carry angular momentum efficiently in the vertical direction (see also the bottom right panel in Figure 9 ). . Accretion structure. Top: the mass flux, Bottom: the radial velocity normalized by the escape velocity (solid) and the density (dashed). Note that the ratio of the initial pressure scale height to the radius (Hp/r) is ∼ 0.14, which corresponds to ∼ 8
• . The height z = 2Hp is therefore approximately ±16
• from the midplane. The accretion around those heights is the disk surface accretion. The faster accretion seen at further higher altitudes corresponds to the funnel-wall accretion. The quantities in this figure are temporally and azimuthally averaged. The time average is performed between t = 250tK0 and 300tK0.
Global Velocity and Magnetic Field Structures
The averaged velocity field and magnetic field structures are displayed in the top panels of Figure 11 . The top-left panel shows that the gas stream from the disk surface roughly splits into two branches: the upflow from the outer disk becomes a weak disk wind, and the wind from the inner disk accretes onto the central star. The wind of the second branch fails to blow out, accreting onto the star with a large velocity. That is, the failed disk wind becomes the funnel-wall accretion. The bottom panels of Figure 11 show that the α-parameters due to the Maxwell stress are close to unity in the upper atmosphere, which means that very efficient angular momentum exchange due to the Maxwell stress causes the funnel-wall accretion. We will study the mechanism of the funnel-wall accretion in more detail later.
The top right panel of Figure 11 also shows that the magnetic fields near the center are dragged toward the star. As shown in Figure 8 , the accretion speed is larger in the upper disk atmosphere than in the disk. The accreting materials above the disk drag magnetic fields toward the star, forming this magnetic structure. The transport of poloidal magnetic fields above the disk has been also discussed previously. The efficient transport in the upper atmosphere is first pointed out by Matsumoto et al. (1996) , and termed as the "coronal mechanism" by Beckwith et al. (2009) . Again note that the angular momentum transport in our simulation is mainly in the radial direction as in Beckwith et al. (2009) . Magnetic braking by the wind is not significant unlike in Matsumoto et al. (1996) .
The funnel-wall accretion and the disk surface accretion carry poloidal magnetic fields toward the star. The accumulated magnetic fields form the magnetic funnels around the poles (see the top right panel of Figure 11 ). A fraction of the magnetic fields of the magnetic funnels are carried from the disk through the coronal mechanism as in simulations of black hole accretion disks (De Villiers et al. 2003; Beckwith et al. 2009 ). Figure 12 shows the total amount of the unsigned magnetic flux through the stellar surface (r = 1). The magnetic flux sharply increases in the early phase, but the rapid accumulation stops after t ∼ 60t K0 . We can translate the total flux into the field strength averaged at the stellar surface by multiplying 1/4π. Since the total flux is almost 0.9 in our units, the averaged field strength is 72 G and 160 G for CTTSs and HAeBes, respectively. Note that mass accretion onto the star continues even when the magnetic flux becomes almost constant, which is a result of decoupling between a magnetic field and gas due to turbulent diffusion.
The magnetic fields are significantly bent in the funnel-wall accretion region due to the strong drag, forming a dipole-like shape on this plane (see Figure 11) . However, the 3D structure of the magnetic field is very different from the pure dipole magnetosphere. Figure 13 displays a snapshot of the 3D structure of the magnetic field. The magnetic field is mainly toroidal around the star because of the differential rotation, which is distinct from the pure dipole magnetosphere.
Funnel-wall Accretion Onto Central Star
It has been believed for a long time that a fast accretion to the high-latitude region of the star is a clear sign of the magnetospheric accretion (Camenzind 1990; Koenigl 1991) . However, our simulation indicates that a fast, highlatitude accretion is possible even without a stellar magnetosphere. Here we investigate the behavior and the physics of the funnel-wall accretion. Total unsigned magnetic flux on the star Figure 12 . Temporal evolution of the total unsigned magnetic flux measured on the stellar surface. Also see Figure 11 , where how a poloidal field is carried to the star by accreting material is shown. The unit of time is tK0. 
Structure of Accretion Streams
The 3D structure of the accretion flow is shown in Figure 14 . The disk extends to the stellar surface, directly accreting the disk material to the star. Therefore, the so-called boundary layer accretion is taking place (i.e. the inner disk is not truncated by the stellar magnetic field, unlike in the magnetospheric accretion model; Popham et al. 1993; Romanova et al. 2012) . Simultaneously, multiple fast accretion streams are falling to high-latitude areas of the star. One will notice that the accretion streams start well above the disk, which is different from the previously reported disk surface accretion (Suzuki & Inutsuka 2014; Zhu & Stone 2017) . Figure 15 displays the structure of the magnetic field threading fast accretion streams. The magnetic field is strongly bent owing to the dragging of the accreting matter. Unlike the magnetospheric accretion model, accretion flows are not guided by the magnetic field.
The fragmented accretion streams form patchy accretion spots on the stellar surface. The top panel of Figure 16 exhibits the Mollweide projection of the radial velocity distribution on the stellar surface (r = 1). The accretion speed is small near the disk midplane. However, above ± ∼ 30
• from the midplane, the gas is falling with almost the Keplerian velocity on the stellar surface. Since this velocity is supersonic, accretion shocks are expected. The accretion spot pattern largely varies with time, but patchy accretion spots with a large velocity are always present. The bottom panel displays the kinetic energy flux of the accreting matter (ρv 3 r , only the regions with v r < 0 is visualized), which shows that the fast accreting matters inject a large kinetic energy flux. Regions with a large kinetic energy flux could be observed as hot spots. Figure 17 shows the temporal evolution of the maximum accretion velocity measured at the stellar surface. The plot indicates that the maximum speed is highly time-variable, but typically close to the Keplerian velocity at the stellar radius. The variability is originated from the MRI-turbulence. The accretion speed is moderately slower than the escape velocity (the accretion velocity is ∼ v K , 70 % of the escape velocity).
The spatiotemporal intermittency of the funnel-wall accretion arises from the intermittent nature of the MRI-driven wind. The left panel of Figure 18 displays the vertical gas motion on the rθ-plane. Since the data is averaged neither Figure 18 . Intermittency of the MRI-driven wind. Left: a snapshot of vz map on the rθ-slice plane at t = 273tK0 (note that the data is averaged neither azimuthally nor temporally). Right: density fluctuation map (top) and vz (bottom) on the θφ-plane at r = 3 and t = 273tK0. Note that upflows from and downflows toward the disk surface are mixed up, and the density fluctuation is highly inhomogeneous both in the azimuthal and latitudinal directions.
azimuthally nor temporally, we can see the fine velocity structure in this figure. One can find that upflows from and downflows toward the disk surface are mixed up. The mixture is a characteristic feature of the MRI-driven wind. The bottom right panel shows the slice of v z on the θφ-plane at r = 3 at the same time, which indicates that the mixture of upflows and downflows are also evident in the azimuthal direction. The density fluctuation in the top right panel is also highly inhomogeneous both in the azimuthal and latitudinal directions.
As shown in Figures 3 and 14 , the inner disk reaches the stellar surface in our model. In Figure 19 , we compare the accretion rate through the region near the disk midplane (within ±15
• , which almost corresponds to the height of z = 2H p .) and the accretion rate onto the high-latitude areas. Since it is difficult to clearly define the latitudinal domain into the disk and high-latitude regions separately, we plot the two curves for the accretion rate onto the high-latitude areas for references. One is measured in the regions with |θ| > 15
• (red solid, representing the accretion rate measured above the typical disk height, z = 2H p ), and the other is in the regions with |θ| > 30
• (red dashed). The former is similar to or a factor of 2 smaller than the accretion rate of the midplane, while the latter is several 10 times smaller than that. Therefore the mass accretion rate of the funnel-wall accretion well above the disk is much smaller than that of the disk accretion. If we take the normalization units for CTTSs, the total accretion rate is ∼ 10 −8 M ⊙ yr −1 , which is comparable to the typical observed accretion rate.
Role of Disk Dynamo
We have seen that the angular momentum exchange due to the Maxwell stress in the upper atmosphere is the key for the formation of the funnel-wall accretion (e.g. Figure 11 ). The magnetic fields in the MRI-turbulent disk are time-variable and have a complex structure, which requires us to carefully see behaviors of the magnetic fields such as amplification and transport. Here we investigate behaviors of the magnetic fields near the star.
MRI disks show dynamo activities in which magnetic fields are amplified by shearing motions (e.g. Stone et al. 1996; Hawley et al. 1996) . Figure 20 displays the dynamo activity in this simulation. The left panel shows a snapshot of the azimuthally averaged toroidal field B φ map at t = 285t K0 . One can see that a toroidal field is mostly amplified around the disk surface. To see the temporal evolution, we made the time-latitude diagrams of B φ and the plasma β (right panels), measured at a radius of r = 4. The time-latitude diagram of B φ shows so-called a butterfly diagram in which the toroidal field reverses its sign quasi-periodically, as in previous studies (e.g. Gressel 2010; Machida et al. 2013) . The amplified magnetic fields escape from the disk due to magnetic buoyancy (Parker instability; Parker 1955 Parker , 1966 Miller & Stone 2000; Shi et al. 2010) . Strongly magnetized regions (β ∼ 1) are formed near the disk surface, but the growth timescale of the Parker instability becomes comparable to the local rotational period when β ∼ 1. As a result, the strong magnetic fields erupt from the disk without further amplification. This is the reason why the plasma β in the upper atmosphere cannot be much lower than unity even though a magnetic field is continuously supplied from the disk. The eruption due to buoyancy is a key process that transports a magnetic field to the upper atmosphere. Figure 21 presents an example of erupting magnetic flux bundles. The time proceeds from left to right. At t = 267t K0 , a low-β region is formed near the disk surface. As time progresses, the low-β void erupts upward. Note that the movement of magnetic fields and the movement of plasmas are opposite here: the erupting magnetic fields are moving outward, while plasmas are accreting onto the star. We find that the ejection of low-β voids occurs recurrently. In addition, the low-β flux bundles break up and mix with the surrounding higher-β plasma during the ascending motion.
The 3D structure of the erupting magnetic flux bundle in Figure 21 is shown in Figure 22 . We visualize field lines which penetrate the erupting, low-β void above the disk (upper right from the star, in the left panel). As expected, those field lines shape an undulating flux bundle (left panel). The one end of the lifted part is anchored in the disk, but the other end is erupting upward (right panel). This figure demonstrates how buoyant magnetic flux bundles erupt from the disk.
The magnetic fields erupting from the inner disk move along the magnetic funnels around the poles (Figure 21 ), which suggests that the magnetic fields are strong along the funnels. Figure 23 supports this speculation, where the fluctuating component of magnetic energy is shown. The fluctuating component is closely related to the erupting magnetic flux bundles, because the erupting bundles have a highly nonuniform structure in the azimuthal direction. This magnetic field transport occurs recurrently, and leads to the enhancement of the angular momentum loss around the magnetic funnels.
The opening angle of the magnetic funnels determines the maximum latitude of the funnel-wall accretion (see Figure 11 ). To see how the angle is determined, we examine the pressure balance in the latitudinal direction. • to the north/south poles. Note that around θ = ±50
• the gas pressure on the disk side balances with the magnetic pressure of the poloidal field around the poles. The data is temporally averaged during the time t = 250tK0 to 300tK0.
shows the distributions of different kinds of pressures against the latitude at r = 3. From the midplane (θ = 0
• ) to a certain height (θ ∼ ±50
• ), the gas pressure is the most dominant term. However, the magnetic pressure of a poloidal field is the largest around the poles, and balances with the gas pressure on the disk side at θ ∼ ±50
• . The disk materials, and therefore erupting magnetic fields cannot easily go beyond those angles because of the magnetic pressure walls (funnel walls). We will show that the field strength in the magnetic funnels are determined by the disk gas pressure. The gas pressure in our disk can be expressed as p(R, z) = p mid (R) exp −(z/H p ) 2 in the disk, where p mid is the pressure at the midplane. Since the gas pressure distribution takes a flat profile above the disk surface z = 2H p , we approximate that the gas pressure above the disk p up is p up = p(R, 2H p ) = p mid (R)e −4 . Therefore, if we consider the pressure balance at the position (R f , z f ), we obtain the following relation between the disk pressure and the field strength B f (the subscript "f" denotes the magnetic funnel):
Figure 25 examines this relation in our simulation using the data at r =2, 3, 4, and 5. We first measure the cylindrical radius and B f at the balance points at these radii, and then obtain p mid at the corresponding cylindrical radii. This figure indicates that this relation holds fairly well.
Angular Momentum Exchange Process
We have seen that the funnel-wall accretion originates from the failed disk wind that loses angular momentum and is trapped by the stellar gravitational potential. We investigate the angular momentum loss process in the disk wind.
A rapid angular momentum loss is necessary for the generation of the nearly free-fall accretion. That is, the Lorentz force that decelerates the rotating motion of the matter should be comparable to the centrifugal force (e.g. Matsumoto et al. 1996) . Figure 26 compares the spatial distribution of the ratio of the two forces ((−F L,φ )/F c , the minus sign is added because we focus on the decelerating force) and the radial velocity structure. The region with the negative radial velocity almost coincides with the region with (−F L,φ )/F c 0.3, and is along the magnetic funnel. As seen in Figures 21 and 23 , the magnetic field strength along the funnel is larger than that in the surrounding regions because of the magnetic field transported from below. This explains why the rapid angular momentum loss occurs around the magnetic funnel.
The right panel of Figure 26 shows the location where the specific angular momentum is the same as that of a gas rotating at the stellar surface with the Keplerian velocity (see also the fourth panel of Figure 11 ). The isosurface is radially inclined away from the poles because the radial angular momentum transport is more efficient in the upper atmosphere than in the lower atmosphere. Once a material comes inside the cone of the isosurface, the material becomes rotationally unsupported, which leads to the formation of the fast accretion.
We derive a useful indicator for the occurrence condition of the funnel-wall accretion. As shown in Figure 26 , the relative magnitude between the azimuthal component of the Lorentz force and the centrifugal force is crucial for the formation of the funnel-wall accretion. The Lorentz force is exerted from a magnetic field bent by accreting matters. If we use the typical length scale of the curved part of a magnetic field L, then the Lorentz force per unit mass can be estimated as B 2 /(4πρL). Here we note that the angular momentum exchange operates essentially in the same way as in MRI but in the upper disk atmosphere. Since the wavelength of MRI is limited by the pressure scale height, we take the pressure scale height as the representative of the length L. However, a common definition of the pressure scale height for the disk, H p = √ 2c s /Ω K , is not applicable because we discuss the process well above the cold disk (the disk thickness is H p /r ∼ 0.1 but the funnel-wall occurs z/R 1). An alternative expression of the local pressure scale height is
where the angular velocity is estimated by the local rotational speed. Using this expression, we consider the relative magnitude of the two forces:
where
2 represents the ratio of the kinetic energy density of the rotational motion to the magnetic energy density. When (ββ rot ) −1/2 is close to unity, we expect a rapid angular momentum loss on a timescale of the local rotation. Figure 27 examines the above discussion about the occurrence condition of the funnel-wall accretion. The left panel exhibits that the plasma β is approximately unity in the upper disk atmosphere. The middle panel indicates
rot , which shows that the magnetic energy density increases and becomes comparable to the kinetic energy of the rotational motion with increasing latitude. The right panel displays the indicator of the occurrence condition (ββ rot ) −1/2 . This figure demonstrates that the indicator is indeed close to unity around the regions of the funnel-wall accretion.
We expect that the large velocity of the funnel-wall accretion can be understood in the framework of the standard α-disk model with a slight modification because the driving mechanism is similar to that in the disk accretion (i.e. MRI-like viscous process). In the α-disk model (Shakura & Sunyaev 1973) , the accretion velocity in the disk v acc is expressed as v acc ≈ α (H p /R) 2 v K . Since we obtain H p /R ≪ 1 in a cold disk like standard thin disks, usually v acc is much smaller than the Kepler velocity. However, this expression is applicable only for the flow in the disk, since the temperature and the rotation velocity are significantly modified in the upper atmosphere where the funnel-wall accretion takes place. For the funnel-wall accretion, we use the local pressure scale height H ′ p , which will be much larger than H p because of a higher temperature and weaker gravitational force above the disk. We confirmed that α Rφ 1 and H ′ p ∼ R are achieved around the funnel-wall accretion region, and we obtain This result supports that the accretion velocity of the funnel-wall accretion is consistent with the result of the modified α-disk model. The materials in the funnel-wall accretion flows give their angular momentum to outer plasmas. As a result, a wind is driven near the funnel-wall accretion flows (e.g. Figures 11 and 18 ). The maximum wind speed is time-variable as the funnel-wall accretion does, and reaches a few 10 % of the Keplerian velocity at the stellar surface within r 20. Figure 28 summarizes the processes that drive the funnel-wall accretion. We have seen that the disk material is lifted to the upper atmosphere as the MRI-driven wind (Figures 3 and 5) . The materials in the disk wind emanating from the inner disk tend to move inward because of efficient angular momentum loss in the upper atmosphere (Figure 11 ). When the gas arrives around the magnetic funnels where amplified magnetic fields are supplied from the inner disk through the Parker instability (Figures 20 to 23 ), the gas experiences a strong torque from the Lorentz force comparable to the centrifugal force (Figures 26 and 27) . Note that the angular momentum is rapidly extracted at a distant place from the star. For this reason, when materials lose their angular momenta far enough away from the star, then their infall velocity can be comparable to the escape velocity. In this way, various kinds of physics in and above the accretion disk are involved in the formation of the funnel-wall accretion.
Summary of the Driving Mechanism of the Funnel-wall Accretion
The angular momentum exchange mechanism is essentially the same as MRI (Figure 15 ). The MRI-like process above the disk has been studied for understanding the transport of a poloidal magnetic field Beckwith et al. 2009 ) and the acceleration of outflows (Yuan et al. 2012) . In this study, we find that the MRI-like process around the magnetic funnels leads to the formation of the funnel-wall accretion onto the star. This process enables the fast accretion onto a star even without the stellar magnetosphere.
DISCUSSION
It has been believed for a long time that the magnetospheric accretion is the most promising mechanism that occurs in CTTS because the model predicts the accretion shocks which produce emissions consistent with observations (Calvet & Gullbring 1998) . However, it still remains unclear if the magnetospheric accretion is indeed operating in real astrophysical systems. Our simulation finds that the funnel-wall accretion can be another solution that accounts for the fast, high-latitude accretion, particularly for weakly magnetized stars. Here we compare our results with previous studies, and discuss implications for observations.
Comparison with previous studies
Historically most of the previous studies have applied the magnetospheric accretion model to accreting stars which show fast accretion signatures. MHD modeling of accreting stars is also in accordance with this direction (e.g. Romanova et al. 2009; Zanni & Ferreira 2013; Takahashi & Ohsuga 2017) . Although the magnetospheric accretion seems successful for explaining many observational signatures of strongly magnetized stars, it is not clear if the same scenario is applicable for weakly magnetized stars such as HAeBes (Wade et al. 2007) . Our model in which the central star is weakly magnetized suggests that a very different accretion process occurs in such a star. Nevertheless, our model shows that the funnel-wall accretion can produce observational signatures similar to those of the magnetospheric accretion. Our simulation could provide clues for solving the problem about the mechanism of fast accretion in weakly-magnetized HAeBes (Cauley & Johns-Krull 2014; Reiter et al. 2017) . We compare our results with the magnetospheric accretion model in the case of young stellar objects. We point out that a strong stellar magnetic field is not necessary for producing a funnel-wall accretion, while the strong stellar field is the key assumption in the magnetospheric accretion model. In both cases hot spots (accretion shocks) will be formed as a result of supersonic accretion at high latitudes. The magnetospheric accretion model assumes that the accretion is guided by a magnetic field of the stellar magnetosphere which is mainly poloidal. The accretion velocity is close to the escape velocity if the magnetosphere is sufficiently large. In our case, however, accretion streams are not guided by a stellar magnetic field, and a magnetic field is highly toroidal around the star. The maximum accretion velocity in our case is similar to the Keplerian velocity and smaller than the escape velocity by a few 10 %, which is almost consistent with the fact that HAeBes tend to show accretion velocities systematically smaller than the escape velocity (Cauley & Johns-Krull 2014) . The maximum latitude of accretion (and hot spots) depends on which stellar field lines guide the accreting material in the magnetospheric accretion model. However, in our case the maximum latitude is determined by the pressure balance between the gas pressure on the disk side and the magnetic pressure around the poles.
The mass flux of the funnel-wall accretion is much smaller than that of the disk accretion. Therefore, if we only measure the mass accretion rate of the fast flows as commonly done in the scheme of the magnetospheric accretion, we will miss most of the mass accreting onto the star. In such a case, we need to estimate the mass carried through the boundary layer as well.
The occultation of a star is observed in many accreting stars (Bouvier et al. 1999; Cody et al. 2014; Stauffer et al. 2015) . In the scheme of the magnetospheric accretion, the interpretation of the occultation is that a disk warped by the magnetosphere obscures the star (e.g. O'Sullivan et al. 2005) . We propose another possibility: the occultation by the disk surface fluctuating due to the MRI and dynamo processes. As we will see later, the density near the disk surface highly fluctuates because of the eruption of a magnetic field from the disk. This scenario may be applicable for accreting stars which show brightness variabilities not clearly related to the stellar rotation period. We again note that the accretion behavior in our simulation is highly time-variable because of the MRI turbulence and disk dynamo.
We found the transition of the failed MRI-driven disk wind to the funnel-wall accretion, which could not be studied in previous models with the limited polar domain (Flock et al. 2011; Suzuki & Inutsuka 2014) and local disk models (Bai & Stone 2013; Fromang et al. 2013) . We showed that rapid angular momentum loss around the magnetic funnels occurs in the same way as in MRI. In addition, we pointed out that continuous supply of a magnetic field from the disk is crucial for producing the strong magnetic torque around the magnetic funnels.
We comment on influences of the initial condition. Zhu & Stone (2017) reported a nearly free-fall accretion near the disk surface using a similar atmospheric model but with a vertical initial magnetic field. In our model with an hour-glass shape magnetic field, we do not find such a free-fall accretion near the disk surface. Considering other simulations (e.g. Matsumoto et al. 1996) , we infer that disks with an initial vertical magnetic field tend to produce nearly free-fall accretion due to strong magnetic braking. The existence of disk winds therefore depends on the initial condition. Unlike many MRI disk simulations, MRI-driven winds are not found in Romanova et al. (2012) . Their atmospheric model based on Romanova et al. (2002) assumes that the initial gas is barotropic. As a result, the gas pressure does not decrease but increase in the vertical direction from the equator. We speculate that the high pressure above the disk prevents MRI-driven winds to blow.
Difficulty of Formation of Magnetically-driven Jet
A magnetically driven jet from the central region is not formed in our simulation. This result is different from the argument by Kudoh & Shibata (1995 ) that a magnetically-driven jet with the velocity comparable to the Keplerian velocity at its foot-point can be formed even if an initial poloidal magnetic field is very weak. They claimed that the generation of a magnetically driven jet is possible because the rotating gas will twist up and amplify the weak magnetic field until the magnetic energy is comparable to the gravitational energy (i.e. v A ∼ v K ). However, our 3D simulation shows that a magnetic field can be amplified only before the plasma β gets close to unity, which means that the magnetic energy is at most similar to the internal energy (or v A c s ). The Parker instability, which can occur only in 3D, interrupts further amplification. Since the internal energy is much smaller than the gravitational energy in our cold disk (i.e. c s ≪ v K ), the magnetic energy around the field amplification regions in the disk (z ∼ 2H p ) is also much smaller than gravitational energy, that is, v A ≪ v K . Therefore, the three-dimensionality and the disk thickness (or temperature) are important for the generation of a magnetically driven jet. The roles of the stellar rotation and the stellar magnetic field should be considered in future studies as well (e.g. Hayashi et al. 1996; Goodson et al. 1999; Romanova et al. 2009 ).
To numerically check the above discussion, we examine which force is dominant for the plasma acceleration along the poloidal magnetic field, the gas pressure gradient F p (blue), the magnetic force F m (yellow), or the centrifugal force F c (purple) at each location in Figure 29 . We define these forces as
where B p is the poloidal magnetic field vector (Tomisaka 2002 ). Although we can find the contribution of the magnetic force near the disk surface, the gas pressure is the main driver in a large domain within r 10 (note that MRI has not developed in the disk of r 10 till t = 300t K0 ). This is because the gas pressure is comparable to or larger than the magnetic force above the disk as a result of the mass loading by the MRI-driven wind and the viscous heating. The magnetic force dominated regions appear outside. One may expect that buoyant magnetic flux bundles continuously accelerate plasma to form a jet with the velocity comparable to the Keplerian velocity at its foot-point eventually. However, the low-β flux bundles break up and mix with the surrounding higher-β plasma during the ascending motion, which reduces the magnetic acceleration. We infer that a disk magnetic field which is much stronger than that assumed in our model is necessary for the formation of a jet. How much the stellar radiation can reach the protoplanetary disk is crucial for the evolution of the protoplanetary disks, since the stellar radiation has impact on the disk accretion and dispersal processes by heating materials as well as changing the ionization degree and the resistivity (Sano et al. 2000; Hollenbach et al. 1994) . Hirose & Turner (2011) investigated radiative heating and cooling in detail in a local accretion disk by radiation MHD simulations. A detailed radiative transfer modeling based on a magnetospheric accretion model is given by Kurosawa & Romanova (2013) . There are theoretical discussions that the time variability in the infrared band can be caused by materials lifted from the disk (Miyake et al. 2016; Khaibrakhmanov et al. 2017) . However, because of the lack of the knowledge of the complex gas structure around the star, the complexity has been neglected in previous studies on the disk evolution. We investigate the shadowing effect of the stellar radiation due to the fluttering disk material. Figure 30 displays the density fluctuation level around the star, defined as
where ρ(r, θ, t) is the azimuthally averaged density, and ρ av (r, θ) is the temporally and azimuthally averaged density. It is evident that the density is highly fluctuating in the upper disk atmosphere. Figure 30 shows the relation between the density fluctuation in the upper disk atmosphere and the dynamo activity. The trails of the escaping magnetic fields trace most of the regions of the density enhancement trails in the upper disk atmosphere. This result indicates that the dynamo activity causes the density fluctuation (particularly the density enhancement). The buoyantly rising magnetic fields tend to take a top-heavy configuration in which the density near the apex of the buoyant part is larger than that in the lower part due to vertical compression (Shibata et al. 1989; Isobe et al. 2006) . We consider that the density enhanced regions are formed in the same manner.
We investigate the shadowing effect of the stellar radiation due to the fluttering disk material by estimating the column density fluctuation. Since the density fluctuation can reach >50%, we can approximate the density fluctuation ∆n as ∆n ∼ n. The large density fluctuation occurs around the disk surface. The density in this region is typically ∼ 10 −3 -10 −2 times smaller than the density on the midplane at the same radius (see also the density distribution in Figure 5 ). The length scale of the fluctuations L varies with time and space, but we commonly observe the fluctuation pattern with a radial scale comparable to the disk thickness. The disk pressure scale height for a HAeBe with the stellar mass of 3M ⊙ is H p ∼ 5 × 10 10 cm at R = 5 if the disk temperature at this radius is 10 4 K. When we adopt the disk thickness 2H p as the radial length scale of the fluctuation, L ∼ 10 11 cm, and n ∼ 10 14 cm −3 as a typical density (Gorti et al. 2009; Nakatani et al. 2017 ). The comparison demonstrates that the density fluctuation can largely affect the τ = 1 surface even for the radiation with these short wavelengths. Therefore, we infer that dynamo-induced density fluctuation can occult the stellar radiation which travels particularly near the disk surface. However, we note that our simulation only studied the disk with specific density and temperature profiles without solving detailed radiation processes. This could affect the actual density structure, and therefore further investigations are necessary. Generally a warp in the inner disk caused by the stellar magnetosphere has been applied to explain the periodic photometric variability with deep, broad flux dips (Bouvier et al. 1999; O'Sullivan et al. 2005 ). However, a significant fraction of the accreting young stars show aperiodic dips, which is difficult to account for with the warped disk model (e.g. Stauffer et al. 2014 Stauffer et al. , 2015 . One possible explanation for this will be dust elevation due to the MRI turbulence (Turner et al. 2010; McGinnis et al. 2015) . We propose that the Parker instability is another possible mechanism to cause such occultation. The Parker instability occurs quasi-periodically following the dynamo period. However, the dynamo period varies with radius, and velocity and density above the disk are highly intermittent spatially and temporally due to the MRI turbulence (Figure 18 ), which will lead to a stochastic occultation of the star.
The star has a weak magnetic field according to this vector potential. The density distribution with the initial field lines are shown in Figure 1 . The poloidal field is derived as B = ∇ × (A φφ ). The field strength at the midplane scale as B z,0 r −(a+1)/2 , which gives a constant plasma β at the disk midplane, the ratio of gas to magnetic pressure, for the adopted density and temperature distributions. The field strength B z,0 is written as B z,0 = 8πρ disk,0 T disk,0 /β 0 , where β 0 is the initial plasma β on the disk midplane. The parameter m characterizes the length scale on which the magnetic field bends (m → ∞ gives a perfectly vertical field). In this study, we set β = 10 4 and m = 1.
B. RADIATIVE COOLING IN THE DISK
We include a simplified radiative cooling to explore a quasi-steady state established with the initial disk temperature profile. We solve the following equation via operator splitting:
where T 0 (r, θ) is the initial temperature profile. To switch on the radiative cooling only in the disk region, we define the radiative cooling timescale τ cool (r, θ) as
This functional form switches on the radiative cooling term only in the disk region (|π/2 − θ| < ∆θ disk , ∆θ cool = 0.5 tan −1 (H p /r)) with a moderate density (ρ > ρ cool ). ρ cool is set to 10 −4 in this study. The radiative cooling timescale is determined by a parameter f cool . We set f cool = 0.2, which means that the radiative cooling timescale is one orbital period. We confirmed that the temperature profile near the disk midplane is maintained without a significant change due to viscous heating.
C. DAMPING LAYER METHOD FOR THE INNER BOUNDARY
We model the stellar surface to simulate the accretion onto the central star. Our stellar surface model is constructed to satisfy the following requirements: 1. the stellar surface should be rigid in the sense that the falling material cannot freely penetrate into the stellar interior, 2. the accreting material will be absorbed by the star eventually but gradually, and 3. the (thermally-driven) stellar wind blows from the hot stellar corona. To model this situation, neither reflecting boundary nor outgoing (or free) boundary is appropriate.
Although the stellar surface is disturbed by the accretion flows, the stellar surface should revert to the original state from the disturbed state. To model this situation, we construct a damping layer method described below. The basic concept of a damping layer is that the physical quantities in a defined domain are controlled to approach specified values in a spatially and temporally smooth way. Although not perfect, adopting the damping layer is an acceptable compromise because it is extremely challenging with computational resources available today to simulate the disk and outflow structures of an au scale with resolving photospheric structures of a few hundred km scale at the same time. Our stellar "surface" is located at the radius of 1, and we put a thin damping layer between this radius and the radius of the inner boundary (i.e., 0.91R * < r < R * in this study). We consider that our stellar surface represents the position of the bottom of the corona, and the thermal property of the coronal gas is mainly controlled by the lower layer, i.e. the damping layer.
